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ABSTRACT
There are two distinct breaks in the cosmic ray (CR) spectrum: the so-called “knee” around 3 ×
1015 eV and the so-called “ankle” around 1018 eV. Diffusive shock acceleration (DSA) at supernova
remnant (SNR) shock fronts is thought to accelerate galactic CRs to energies below the knee, while an
extragalactic origin is presumed for CRs with energies beyond the ankle. CRs with energies between
3× 1015 and 1018 eV, which we dub the “shin,” have an unknown origin. It has been proposed that
DSA at galactic wind termination shocks, rather than at SNR shocks, may accelerate CRs to these
energies. This paper uses the galactic wind model of Bustard et al. (2016) to analyze whether galactic
wind termination shocks may accelerate CRs to shin energies within a reasonable acceleration time and
whether such CRs can subsequently diffuse back to the galaxy. We argue for acceleration times on the
order of 100 Myrs rather than a few billion years, as assumed in some previous works, and we discuss
prospects for magnetic field amplification at the shock front. Ultimately, we generously assume that
the magnetic field is amplified to equipartition. This formalism allows us to obtain analytic formulae,
applicable to any wind model, for CR acceleration. Even with generous assumptions, we find that
very high wind velocities are required to set up the necessary conditions for acceleration beyond 1017
eV. We also estimate the luminosities of CRs accelerated by outflow termination shocks, including
estimates for the Milky Way wind.
Subject headings: cosmic rays — acceleration of particles — galaxies: evolution — galaxies: starburst
1. INTRODUCTION
Cosmic rays (CRs) in the galaxy have an energy den-
sity in the interstellar medium (ISM) roughly in equipar-
tition with magnetic energy and thermal energy, making
them a fundamental component of our galaxy. Amongst
other known impacts of CRs, they are important for
heating and ionizing the ISM and for aiding in launching
galactic outflows that regulate star formation(Zweibel
(2013), Grenier et al. (2015)). Despite their importance
to the dynamics of the ISM and their discovery more
than a hundred years ago, the origin of CRs at vari-
ous energies is still unknown. The main reason for this
is that the distribution of CRs is highly isotropic due
to resonant scattering off small-scale magnetic fluctua-
tions, making it very difficult to pinpoint the sources of
CRs observed on Earth. At CR energies less than ≈ 100
GeV, these fluctuations can be self-excited by a cosmic
ray streaming anisotropy (Wentzel (1968), Kulsrud &
Pearce (1969), Zweibel (2003), Zweibel & Everett (2010),
Skilling (1971)), whereas at higher energies, extrinsic tur-
bulence is the primary scatterer (Zweibel (2013)).
Despite this incredible complication, much has been
discovered and subsequently accepted about CRs. In
particular, the main source for galactic cosmic rays is
most likely diffusive shock acceleration (DSA) at super-
nova remnant (SNR) shock fronts (Axford et al. (1977),
Bell (1978), Blandford & Ostriker (1978)). This pro-
cess likely explains the origin of CRs at energies below
3 × 1015 eV, which is called the “knee” of the CR spec-
trum. Around this energy, the CR spectrum steepens.
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A second break in the spectrum occurs around 1018 eV,
at the “ankle,” where the spectrum flattens. Above this
energy, all cosmic rays are believed to have an extra-
galactic origin, because these particles will have gyroradii
rg =
eB
γmc greater than the size of the Milky Way and
therefore cannot be confined within the Galaxy. One can
imagine CRs accelerated to these high energies within
the galaxy, but the energy requirements are very large
(Kotera & Olinto (2011)).
The origin of CRs with energy between the knee and
the ankle, which we will refer to as the “shin” of the CR
spectrum, is still unknown. Many possible solutions to
this problem have been proposed. One natural solution
is that most SNRs accelerate CRs only up to the knee,
but smaller and smaller subsets of SNRs can accelerate
particles to higher energies possibly on the order of 1017
eV (e.g. Parizot (2014)). For example, Tatischeff (2009)
suggests that the shock of SN 1993J may have been able
to accelerate CR protons to 2 − 3 × 1016 eV within the
first few days of the burst.
Another interesting idea is that CRs are accelerated
in superbubbles (SBs), which have the unique quality
that their energy source is combined from the supernovae
whose outbursts coalesce into SBs as well as from stellar
winds. It is well known that SBs suffer from severe energy
losses, which may be the result of very efficient particle
acceleration that exhausts the SB shock energy (Butt &
Bykov (2008)).
The natural extension of these SNR and SB shock front
mechanisms to larger scales is galactic wind termination
shocks. Galactic winds from supernova rich starburst
regions and active galactic nuclei transfer mass and en-
ergy away from regions of wind development and enrich
the intergalactic medium (IGM) with metals, eventually
suppressing star formation in the galaxies (Veilleux et al.
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(2005), Erb (2015)). In addition to the feedback galactic
outflows can provide for galaxy formation, DSA at galac-
tic wind termination shocks has been proposed as a possi-
ble mechanism for accelerating high energy CRs between
the knee and the ankle (Jokipii & Morfill (1985), Jokipii
& Morfill (1987); Vo¨lk & Zirakashvili (2004)). Specifi-
cally, this mechanism, at least on the surface, satisfies
the two main ingredients required for efficient CR accel-
eration: good confinement and long acceleration time.
Given the considerable amount of recent work on galac-
tic outflows, we are in a good position to revisit the idea
of galactic wind termination shock acceleration of CRs
and test that theory’s validity from a modern perspec-
tive. This paper attempts to do that and is organized
as follows: Section 2 describes the model (Bustard et al.
(2016); hereafter BuZD16) we use to generate wind so-
lutions and how that leads to a rough estimate of the
termination shock radius. In Section 3, we discuss CR
confinement and elaborate on our choice for the acceler-
ation time based on the observed and simulated lifetimes
of galactic outflows. A short analysis of magnetic field
amplification mechanisms, which may be very important
for CR acceleration, is given in Section 4. Ultimately,
when we estimate maximum CR acceleration rates us-
ing our model, we choose to simply allow the magnetic
field to reach equipartition, thereby providing a gener-
ous upper bound on the rate of CR acceleration. In Sec-
tion 5, we present estimates of the accelerated CR energy
and define a CR Reynolds number, which gives an idea
of whether accelerated particles can diffuse back to the
galaxy in opposition to advection with the flow. This
section is independent of wind model and can be used
in combination with any wind model to connect funda-
mental wind parameters to CR acceleration. Section 6
makes this connection with our model to generate out-
flows conducive to shock acceleration. Section 7 then
provides estimates of the CR luminosity due to termina-
tion shocks. A discussion of the results and alternative
prospects for CR acceleration is given in Section 8.
2. WIND MODEL
The galactic wind model used here is a re-working
of the spherically symmetric Chevalier & Clegg (1985)
model (hereafter referred to as the CC model), includ-
ing non-uniform mass and energy source distributions, a
gravitational potential from an extended mass distribu-
tion, and radiative losses (see BuZD16 for a full descrip-
tion of the wind model). Recent improvements include
the addition of a Hernquist potential (Hernquist (1990))
to model the dark matter halo, and most important for
this research, the interaction of the wind fluid with the
IGM, resulting in a termination shock.
The gravitational field used in BuZD16 is that of a
constant density sphere of radius R and mass M . Adding
the halo, the gravitational field is:
dΦ
dr
=
GMh
(r + a)2
+
GMr
R3
for r < R (1)
dΦ
dr
=
GMh
(r + a)2
+
GM
r2
for r > R (2)
where Mh is the halo mass, and a is a scale length deter-
mined by a semilog fit to the points (1011M, 6kpc) and
(1013M, 25kpc). In Section 6, we show that the halo
profile has minimal impact on the wind dynamics. For
the rest of this paper, we assume Mh = 0 and use the
default values R = 200pc, M = 109M.
Beyond the radius R, mass and energy injection into
the wind from supernovae is assumed to be negligible,
and the quadratic mass injection profile we adopt reflects
this:
q(r) = q0(1− r
2
R2
) for r < R (3)
q(r) = 0 for r > R (4)
(5)
Here q(r) is the mass per unit time per volume injected
into the wind, q0 is q(r) evaluated at the galactic cen-
ter, and we assume the energy loading follows the same
profile.
We parameterize the mass-loading by
M˙ = βSFR(M/yr) (6)
Then our mass-loading per volume factor, q0, is calcu-
lated such that M˙ =
∫ R
0
q0(1− r2/R2)dV .
q0 =
βSFR
8
15piR
3
= 1.60× 10−37βSFR (7)
fixing R = 200 pc for each galaxy, regardless of the
galaxy’s mass and SFR.
The BuZD16 model also allows energy addition, which
we model by a heating term in the First Law of Thermo-
dynamics
E˙ = αSFR, (8)
and also includes radiative cooling. For all the models
discussed in this paper, we assume α = 0, but radiative
energy loss can be quite important for the higher β flows.
Our implementation of radiative cooling assumes colli-
sional ionization equilibrium (CIE). Preliminary tests of
non-equilibrium cooling in our model suggest that ioniza-
tion fractions may be very different than those assumed
here for CIE; however, our estimated non-equilibrium
cooling curves for highly radiating winds are very sim-
ilar to the optically thin equilibrium cooling curve as-
sumed here. Therefore, although non-equilibrium ion-
ization may have drastic effects on the observational sig-
natures of our winds, the wind solutions we obtain will
likely behave qualitatively the same as the equilibrium
solutions shown in this paper. This is mostly consis-
tent with the more detailed analysis of non-equilibrium
cooling in outflows done by Oppenheimer et al. (2016).
Further modifications to our model, such as increasing
the wind metallicity above solar values, are left to future
work.
2.1. Termination Shock
When the total wind pressure ρV 2 + 3/2nkBT +
B2/8pi ≈ PIGM, the pressure of the IGM, the wind forms
a shock. For accuracy, we have included the magnetic
pressure in this condition, but magnetic fields are not in-
cluded in our simple wind models. The pressure of the
IGM is not well-known, but equating the wind pressure
with a reasonable value of PIGM = 10
−14 − 10−15ergs
cm−3 (Sargent et al. (1980), Nicastro et al. (2002)) gives
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us the distance to the termination shock, hereafter re-
ferred to as Rshock. Assuming the magnetic field and
thermal contributions to the total pressure is negligible,
which is a fair assumption given the low magnetic field
strengths and temperatures expected in the IGM, the
shock radius is roughly given by
Rshock =
(
M˙V
4piPIGM
)1/2
≈ 58M˙
1/2
 T
0.263
07
P
1/2
−14
kpc, (9)
where in the first equality the wind velocity, V = Vshock,
is obtained from the wind model and in the second equal-
ity we have used the scaling law from Figure 4 relating
asymptotic velocity and central temperature T0, and ex-
pressed M˙ in M/yr, T0 in 107K, and PIGM in 10−14
dyne cm−2.
To estimate if these shocks will be radiative, we com-
pare the cooling time tcool = 3kBT/nΛ of the wind to the
dynamical time tdyn ≈ Rshock/Vshock. Using Equation
(9) and the Rankine-Hugoniot conditions for a strong
shock in a γ = 5/3 gas, we find
tcool
tdyn
=
9
128
(4pi)1/2m2V 4.5shock
P
1/2
IGMM˙
1/2Λ
≈ 220 T
2.25
07
P
1/2
−14M˙
1/2
 Λ−22
,
(10)
which comfortably exceeds unity for most of the wind
models in our parameter space. Therefore, we ignore
post-shock radiative cooling.
3. CONFINEMENT AND ACCELERATION TIME
The radius at which a galactic wind termination shock
occurs is typically at least a hundred kpc, much greater
than the radius of the Galaxy; hence CRs accelerated by
DSA at this termination shock need only have gyroradii
comparable to or less than a hundred kpc to be confined
to the termination shock, and therefore can be acceler-
ated to higher energies than CRs accelerated by SNRs.
The maximum energy of confined protons at a shock
distance of Rshock is
EGeV =
10−2BµGRshock
3× 1010 (11)
where EGeV is the CR energy in GeV, BµG is the mag-
netic field strength in microgauss, and Rshock is the ra-
dius of the shock in cm. Let’s make a generous estimate
of this CR energy assuming the magnetic field strength
in a galaxy at a radius of 200 pc is 300 µG. This galac-
tic magnetic field value is consistent with models of M82
developed by Yoast-Hull et al. (2016). Assuming the ra-
dial magnetic field component drops off as 1/r2, while
the azimuthal component will drop off as 1/r, then at ≈
200 kpc, the azimuthal component should dominate the
radial component. Then, at 200 kpc, B ≈ 0.3 µG. Plug-
ging this into the equation for accelerated proton energy,
the maximum energy of a confined CR at a distance of
200 kpc with B ≈ 0.3 µG will be about 1019 eV. If we
instead use a shock distance of Rshock = 20 kpc, we can
say that 1017 eV protons can be confined.
Confinement, then, may be an issue for the highest
energy CRs closer to the ankle if they are accelerated
close to the galactic disk; however, presumably the mag-
netic field strength is also greater near the galactic disk.
Overall, we see that confinement is not such a strict re-
quirement for acceleration.
The acceleration time, however, is much more limiting.
Lagage & Cesarsky (1983) derived the maximum rate of
particle acceleration by a strong parallel shock, which
can be written in the following form (Zweibel (2003)):
dE
dt
= 1.5× 10−18ZBV 2shockGeV/s (12)
where B is in Gauss, and the shock velocity is in cm/s. If
we assume the particles are accelerated at this maximum
rate for an acceleration time tacc, then
Emax =
dE
dt
tacc (13)
Equations (12) and (13) gives us two important clues as
to how we may increase the maximum energy of DSA
CRs. The first way is to increase the magnetic field. In
Section 4 we will discuss field amplification mechanisms
which could operate near the shock front, possibly up to
equipartition with the shock itself. Here we note that in
the absence of field amplification, DSA is probably rather
slow. For the 0.3 µG field introduced above in discussing
confinement and for Vshock = 1000 km/s, Equation (12)
predicts an energy gain of 1.4 PeV in 100 Myr - and this
assumes a rather large magnetic field at the base of the
wind. Therefore, it seems unlikely that DSA at galactic
wind termination shocks can produce cosmic rays at the
shin without some degree of magnetic field amplification.
The second way to increase the maximum CR energy
is to accelerate them for long periods of time. As an ex-
ample, we can estimate the maximum energy of particles
accelerated by a plane parallel, galactic wind termination
shock with wind velocity V = Vshock = 1000 km/s and
B = 0.3 µG. Using Equation (12) to get dE/dt,
Emax = (4.5eV/s)× tacc (14)
We see that to accelerate particles to 1019 eV will be to
accelerate them for 1019 seconds, or greater than the age
of the universe. To accelerate particles to 1017 eV would
require an acceleration time of a billion years, which is
on the order of the age of the Milky Way. SNR lifetimes,
however, are much shorter, ultimately leading to a CR
energy cut-off slightly higher than 1015 eV in simulations
even with the most effective magnetic field amplification.
The lifetime of galaxies is inherently longer than the
lifetimes of stars. Hence, it seems plausible that galactic
winds and their termination shocks would be sustained
for much longer times than their stellar counterparts,
SNRs. Substantial progress in models and observations
of galactic outflows has been made, however, since the
notion of galactic winds as high energy CR accelerators
was proposed by Jokipii & Morfill (1985). Importantly,
there is a growing consensus that the lifetimes of individ-
ual galactic outflows is not comparable to the lifetimes of
their host galaxies. Although supernovae driven outflows
may be prevalent throughout the lifetimes of galaxies,
they seem to be very bursty, typically accompanying in-
tense but short episodes of star formation (Muratov et al.
(2015), Keller et al. (2015), Ruszkowski et al. (2016),
Suarez et al. (2016).
Using the FIRE (Feedback in Realistic Environments)
simulations (Hopkins et al. (2014)), Muratov et al. (2015)
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find that, especially for high redshift galaxies, star forma-
tion occurs in sharp bursts, with the galaxy spending a
significant amount of time at near zero SFR. As a result,
the galaxy outflow rate is highly variable with outflows
following star formation bursts and then shutting off. At
redshift ≈ 0.75, star formation becomes more continu-
ous, however, with weak and continuous outflows with
decreased mass-loading factor compared to the bursty
outflow stage. These weak continuous outflows, due to
having a low mass-loading factor, are generally less sus-
ceptible to catastrophic momentum loss due to radiative
cooling, and will have generally higher velocities than
high mass-loaded flows. Combined with a long lifetime,
such outflows could result in efficient particle accelera-
tion; however, further simulations are required to deter-
mine the stability and lifetimes of termination shocks
under such conditions.
Strong outflows, whether in the bursty high redshift
phase described in Muratov et al. (2015) or in a continu-
ous phase, may be limited simply by the mass supply of
the galaxy. M82, as an example, contains about 108M
of stellar mass and has a wind mass-loading factor of
order 10 M/yr in the central starburst region (Fo¨rster
Schreiber et al. (2003), Gao & Solomon (2004)), mean-
ing that a wind with this strength could only last for ap-
proximately 0.1 Gyrs until it exhausts the internal mass
supply of M82 (Yoast-Hull et al. (2013)). New high reso-
lution images of M82 suggest an even higher outflow rate
that could deplete the galaxy of molecular gas within 8
Myrs (Chisholm & Matsushita (2016). Overall, this sug-
gests that wind lifetimes are more realistically on the
order of 100 Myrs, much shorter than the lifetimes of
galaxies, which are on the order of Gyrs.
4. MAGNETIC FIELD AMPLIFICATION
It has become clear in recent years that magnetic field
amplification takes place in SNRs and may play a sig-
nificant role in generating the turbulent scattering on
either side of the shock that is necessary for DSA to oc-
cur. Magnetic field amplification has been observed in
supernova remnants. In Cas A, equipartition arguments
to explain the radio luminosity imply magnetic fields of
a few mG, and further investigation of the nonthermal
X-ray emission in this remnant suggest magnetic field
strengths of 0.08 − 0.16 mG in the rim (Vink & Lam-
ing (2003)), far above what is expected in the shocked
interstellar medium.
The exact amplification mechanism is still unknown;
however, a few theories have emerged: The Bell insta-
bility (Bell (2004), Amato & Blasi (2009)), also known
as the cosmic ray current driven instability, and turbu-
lent amplification generated by density fluctuations (Gi-
acalone & Jokipii (2007)) and enhanced by a CR pressure
(Beresnyak et al. (2009)) in the clumpy medium near the
shock. Before going into more detail, it is important to
note whether these theories amplify the field upstream or
downstream of the shock. The Bell instability requires
positively charged CRs propagating in the magnetized re-
gion upstream of the shock; therefore, the amplification
is upstream of the shock. Also relying on propagating
CRs, the turbulent amplification described in Beresnyak
et al. (2009) acts upstream of the shock, whereas the
turbulent amplification described by Giacalone & Jokipii
(2007) acts in the downstream region. Further work de-
scribing amplification downstream can be found in Guo
et al. (2012) and Ji et al. (2016).
4.1. Bell Instability
The Bell instability amplifies low-frequency, right cir-
cularly polarized waves with direction of propagation
parallel to the magnetic field. Unlike the gyroresonant
streaming instability (Kulsrud & Pearce (1969)), it acts
at wavelengths much less than the cosmic ray gyroradius.
It has been proposed that this instability could possibly
amplify the magnetic field strength by up to two orders
of magnitude and aid in accelerating CRs from SNRs
up to the knee (O’C Drury (2005), Reville et al. (2008),
Zweibel & Everett (2010)).
In the cold plasma limit, which should be a good ap-
proximation here due to the strong radiative and adia-
batic cooling of the wind, the criterion to excite the Bell
instability can be expressed as
UB
Ucr
<
vD
c
, (15)
where UB and Ucr are the magnetic field and cosmic ray
energy densities, respectively, and vD is the drift velocity,
which we can simply equate to the shock velocity Vshock.
For young SNR shock fronts, which have higher veloci-
ties than our estimates for wind termination shocks, the
Alfve´n speed and drift velocity will be small and large,
respectively, making the Bell instability criterion more
difficult to satisfy for termination shocks than for young
SNRs.
If the instability is excited, the growth rate is generally
fast. In the cold plasma limit, and for vD/vA  1, the
maximum growth rate is independent of magnetic field
strength, and is given by
ωBell =
ωcincr
2ni
vD
vA
(16)
For wind parameters and large magnetic field strengths
appropriate for M82 (Yoast-Hull et al. (2016)), the
growth time should be very short.
To estimate the saturated magnetic field strength, it
is logical (though the situation is a little more compli-
cated than this) to assume the magnetic field is maximal
when the Bell instability criterion is no longer valid. This
occurs when
B2
4pi
≈ PcrVshock
c
(17)
If the CR pressure were roughly equal to the ram pres-
sure of the flow ρV 2shock, which is a generous upper limit,
the magnetic field would be
B2
4pi
= (
Vshock
c
)ρV 2shock (18)
For wind velocities on the order of 108 cm/s, this rep-
resents magnetic field amplification to only ∼ 1% of
equipartition.
Therefore, although the Bell instability could grow
within a very short time, the CR density must be quite
high to excite the instability, and the resulting amplifi-
cation is not very high. It needs to be noted, however,
that saturation of the Bell instability is very uncertain.
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Among other things, the saturation depends on damp-
ing, the back reaction of the amplified field on the CR
current (Riquelme & Spitkovsky (2009)), and coupling
between large and small spatial scales. Overall, this in-
stability must rely on non-linear growth to achieve the
large scale fields needed for particle acceleration because
this instability saturates on scales near the particle gy-
roradius.
A number of numerical simulations of the Bell insta-
bility have been carried out (Bell (2004), Zirakashvili
et al. (2008), Rogachevskii et al. (2012), Beresnyak &
Li (2014)). Direct numerical simulations of Rogachevskii
et al. (2012) show magnetic field amplification beyond
the rough estimate made above. They find that mag-
netic field amplification follows three stages: 1) the Bell
instability is excited and amplifies the magnetic field;
2) linear growth continues among high-k (small spatial
scale) modes, while mode coupling excites low-k (large
scale) modes; 3) growth continues possibly due to an
α2 dynamo. This turbulent growth could continue to
amplify the magnetic field beyond the rough saturation
limit in Equation (18) and, most importantly, amplify
the magnetic field on large scales in addition to small
scales. Beresnyak & Li (2014) suggest that typical scales
of Bell instability amplified fields in either the linear or
non-linear growth regimes will be too small to affect the
desired particle acceleration without taking into account
back reaction to CRs, such as the CR pressure driven
amplification discussed in the following section.
4.2. Turbulent Amplification
Finally, let’s discuss the possibility of turbulence, gen-
erated in a clumpy medium and enhanced by a CR pres-
sure, amplifying the large-scale magnetic field near the
termination shock. Whereas the Bell instability effec-
tively relies on having non-magnetized CRs streaming
through a strongly magnetized background plasma, CR
pressure driving considers CRs that are strongly coupled
to the background plasma through an effective pressure.
This pressure accelerates regions of different density at
different rates, and the resulting density fluctuations plus
the CR pressure drives turbulence near the shock. This
turbulence winds up the magnetic field, thereby ampli-
fying it.
There are a few advantages to this process compared
to amplification due to the non-resonant instability. One
possible issue with the Bell instability stems from the
scales on which it is excited. The instability acts on scales
smaller than a particle gyroradius, meaning that some
non-linear turbulent growth is then required to amplify
the field at large scales. The CR pressure driven instabil-
ity, however, acts on scales large compared to the gyro-
radius but small compared to the diffusion scale. Unlike
many plasma instabilities (for example, the CR resonant
streaming instability), this CR pressure driven instabil-
ity is theoretically limited only by equipartition with the
background medium.
This results in a stronger maximum magnetic field
strength than that expected from the Bell instability
(without turbulent growth considered). The results of
Bru¨ggen (2013) are conveniently scaled, and estimates of
the magnetic field amplification and timescale on which
this amplification occurs can be made for our termina-
tion shock set-up. This results in a code time unit of
≈ 200 Myrs. Looking at Figure 4 from Bru¨ggen (2013),
the magnetic field is amplified by a factor of 10 on av-
erage after t = 0.5 code units, or ≈ 100 Myrs for our
galactic wind model, with maximum amplification closer
to a factor of 50. Similar levels of mean amplification
have been achieved by Drury & Downes (2012) and del
Valle et al. (2016), amongst others.
5. PARTICLE ACCELERATION: NECESSARY
CONDITIONS AT THE TERMINATION SHOCK
Regardless of differences in growth times and satu-
ration, which is not well-known, each of these mecha-
nisms is ultimately limited approximately by equiparti-
tion. Therefore, for the sake of simplicity, we will opti-
mistically assume the most generous magnetic field am-
plification, i.e. that the magnetic pressure is amplified to
equal the ram pressure of the outflow :
B2
4pi
= ρV 2shock (19)
The problem is then two-fold: First, given a certain in-
tergalactic ambient pressure and a magnetic field ampli-
fied to equipartition, can we generate wind termination
shocks at such a radius and velocity that the shocks could
theoretically accelerate shin CRs within an acceleration
time of 100 Myrs? Second, to determine whether these
CRs might be of galactic or extragalactic origin, we will
ask how likely it is that those CRs can diffuse back to-
wards Earth. Regardless of whether the CRs can diffuse
back towards the galaxy, it is an interesting analysis just
to answer the first question. As in our previous estimates,
we will assume the CRs are constantly accelerated at the
rate given by Lagage & Cesarsky (1983) throughout the
acceleration time, and we will assume that the wind is
in a steady state, which is an assumption of our wind
model. We will show that certain wind solutions do give
rise to possibly efficient CR acceleration at termination
shocks.
The results will be presented in two sections. First, we
can draw a number of conclusions, independent of wind
model, about the conditions necessary at the termination
shock for efficient CR acceleration. These results are pre-
sented in the current section, Section 5, entitled “Neces-
sary Conditions at the Termination Shock.” This section
has particularly broad-ranging utility because interest in
large scale shocks as CR accelerators is not limited to
galactic wind shocks. For example, shocks created by the
interaction of active galactic nuclei (AGN) driven out-
flows with the surrounding medium may also be efficient
sites of CR acceleration (Henri et al. (1999), Berezhko
(2009), Ptuskin (2011), Wang & Loeb (2016)). Because
our formulation can be combined with any outflow model
to estimate CR acceleration, the following machinery is
not only applicable to galactic wind shocks but also to
any large scale shock created by an outflow. In Section
6, we will specifically focus on galactic wind termination
shocks and analyze CR acceleration with our thermally
driven wind model, allowing us to derive a number of
conclusions about the conditions necessary in the galaxy
itself to produce favorable termination shock conditions.
First, let us assume an equipartition magnetic field and
combine Equations (19) and (12). At distances on the or-
der of 100 kpc at which the termination shocks typically
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Figure 1. Assuming the magnetic field is amplified to equipar-
tition, and the ram pressure approximately equals the pressure of
the surrounding IGM at the shock position, one can find the La-
gage & Cesarsky (1983) dE/dt as a function of shock velocity for
various PIGM.
occur, one can safely assume that the ram pressure dom-
inates the magnetic and internal pressures of the wind;
hence, at the shock, ρV 2shock ≈ PIGM. These steps give
us dE/dt as a function of just the shock velocity and the
ambient pressure.
dE
dt
= (1.5× 10−18Z)
√
4piPIGMV
2
shock GeV/s (20)
A plot of dE/dt in eV/Myrs as a function of shock
velocity for various PIGM is given in Figure 1. Note that,
given an acceleration time of 100 Myrs and PIGM = 10
−14
ergs cm−3, a shock velocity of roughly 2000 km/s would
be required to accelerate protons to 1017 eV. If we instead
choose a lower ambient pressure, the required velocity is
even higher for the same target CR energy.
PIGM can also be eliminated in favor of the shock radius
using Equation (9), and Equation (20) can be rewritten
in terms of the mass-loading M˙ in units of M/yr, the
shock velocity V1000 in units of 1000 km/s, and the shock
radius R100 in units of 100 kpc.
dE
dt
= 0.12ZM˙
1/2
V
5/2
1000/R100 GeV/yr (21)
Let us now estimate whether these CRs can diffuse
back to the galaxy by introducing a CR Reynolds num-
ber, RCR, which is the ratio of the diffusion time, τdiff =
R2shock/κ, to the advection time, τadv = Rshock/Vshock,
where κ is the diffusion coefficient of CRs. At the ter-
mination shock itself, where the CR flux and the corre-
sponding wave excitation rates are very large, the Bohm
diffusion limit is likely appropriate. This scenario oc-
curs if the particle mean free path is equal to a particle
gyroradius. In using the maximum acceleration rate of
Lagage & Cesarsky (1983), we have assumed Bohm dif-
fusion. This limit, however, represents the minimum dif-
fusion coefficient, meaning that CRs undergoing Bohm
diffusion will have only a very small chance of diffusing
back to the galaxy.
For the bulk of the wind, however, diffusion coefficients
estimated from galactic propagation models are likely
more appropriate, and these coefficients can be orders
of magnitude larger than those assuming Bohm diffu-
sion. Typical values of the diffusion coefficient are given
in Strong et al. (2007):
κ(E) = D0 × 1028cm2s−1EaGeV (22)
where a varies from 0.3 − 0.6 and D0 varies from 3 −
5. Recent work by Thoudam et al. (2016) uses a more
generous diffusion coefficient from Thoudam & Ho¨randel
(2014) with D0 a factor of ten higher than in Equation
(22). We restrict ourselves to the coefficients of Strong
et al. (2007), and we choose D0 = 5 and vary a from
0.3 to 0.6 to be general. Ultimately, our results are very
sensitive to a.
The CR Reynolds number is then
RCR = RshockVshock
κ(E)
(23)
Assuming CRs diffuse according to Equation (22) and
setting RCR = 1, we can solve for the minimum CR
energy, given a certain shock velocity and radius, such
that CRs can diffuse back. Using D0 = 5,
Emin,GeV =
(RshockVshock
5× 1028
)1/a
(24)
From Equation (23), we can make a few statements:
1) CR diffusion is more favorable at lower shock ra-
dius. This is intuitive as CRs accelerated closer to the
galaxy should have a greater chance of diffusing back
to the galaxy. CR diffusion is consequently more favor-
able when PIGM is higher because that pushes the shock
radius inward. 2) Because RCR ∼ 1/Ea, diffusion is
more favorable for higher energy CRs. Figure 2 consid-
ers winds of various shock radius and velocity and plots
the minimum CR energy required for CRs to diffuse back
to the galaxy as given in Equation (24). Figure 2 clearly
shows that CRs of lower energies can diffuse back to the
galaxy more easily if the shock has a small velocity and
small radius. In general, higher energy CRs diffuse back
more easily; however, whether shocks of a certain veloc-
ity can accelerate CRs to high energies depends on the
shock velocity, as seen in Figure 1. Figure 3 combines the
upper right panel (a = 0.4) of Figure 2 with the velocity
requirements shown in Figure 1 to show the regions in
Rshock − Vshock plane in which CRs may be accelerated
to a certain energy and also diffuse back to the galaxy.
Note that, for each CR energy, those CRs can only sat-
isfy these requirements within a certain band of shock
velocities. If velocities are too low, the shock will not be
able to accelerate CRs to that energy. If the velocity is
too high, the CR Reynolds number will be too high due
to strong advection with the flow.
One can also see from Figure 2 how the picture we have
constructed will change greatly depending on the choice
of energy exponent, a. For a = 0.3, almost no wind in
the Rshock − Vshock plane will have RCR < 1, whereas
for a = 0.6, a majority of shin CRs will be diffusion
dominated.
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Figure 2. Minimum energy required for accelerated CRs to be diffusion dominated, i.e. RCR < 1, for diffusion coefficients of 5 ×
1028cm2s−1EaGeV, with varying a. Top left: a = 0.3; Top right: a = 0.4; Bottom left: a = 0.5; Bottom right: a = 0.6. tacc = 100 Myrs.
This plot is independent of choice for PIGM. For small a, the CR energy requirement for diffusion to dominate advection is quite high for a
large range of velocity and radius. Generally, advection greatly dominates diffusion, specifically at the high velocities needed to accelerate
CRs beyond the knee. For high a, however, the energy requirement is modest for most shock radii and velocities, boosting the chances of
shin CRs diffusing back to the galaxy. Clearly, diffusion depends very sensitively on the diffusion coefficient used, making it difficult to
draw conclusions on whether CRs will be able to diffuse back to the galaxy.
6. PARTICLE ACCELERATION: NECESSARY
CONDITIONS IN THE GALAXY
Up to this point, no connection has been made to our
specific model described in Section 2. We have only made
assumptions on the magnetic field (amplified to equipar-
tition) and the form of the CR diffusion coefficient (given
in Equation (23)). Let us now run a set of wind simu-
lations and see where the winds shock and at what ve-
locity. We choose to analyze a 109M galaxy, and we
vary M˙ and the central temperature (i.e. the thermal
energy budget) of the outflow without any additional
energy addition from supernovae (i.e. α = 0). We set
PIGM = 10
−14ergs cm−3.
First, it is informative to see what type of energy bud-
get is required to achieve winds of various velocities. The
resulting plot, Figure 4, shows a clear outflow velocity
dependence on β for low central wind temperatures, T0.
For higher mass-loaded winds that are more susceptible
to radiative energy losses, higher central temperatures
are required to achieve the same asymptotic wind veloc-
ity as lower mass-loaded outflows. At higher central tem-
peratures, the wind temperature is further from the peak
of the cooling curve, and the outflow greatly overcomes
gravity. These outflows are now akin to the high veloc-
ity outflows of the gravity-less Chevalier & Clegg (1985)
model, and we see that the asymptotic velocity now has
virtually no dependence on mass-loading factor. In fact,
the dependence roughly follows the curve Vshock(km/s) =
0.129T0.5270 (K). For comparison, the central sound speed
is cs0(km/s) =
√
γkBT/m ≈ 0.15T0.50 (K). Therefore,
the asymptotic velocity closely, but not exactly, follows
the central sound speed, neglecting radiative effects.
Vshock ≈ cs0 (25)
This is physically intuitive because the central thermal
energy is converted almost entirely to kinetic energy. Ta-
ble 1 in the Appendix gives the necessary wind veloci-
ties, for various acceleration times, required to acceler-
ate 1015, 1016, 1017, and 1018 eV CRs, as well as the
central temperatures required to achieve these wind ve-
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Figure 3. Combining Figure 2 with velocity requirements for CRs
to be accelerated to energies of 1015 eV (yellow), 1016 eV (or-
ange), 1017 eV (light purple), and 1018 eV (dark purple). High
PIGM are clearly favored to get low Reynolds numbers. At the
same time, high PIGM increase the CR acceleration rate, meaning
lower velocities are needed to achieve the same CR energies. Top:
PIGM = 10
−14 ergs cm−3; Middle: PIGM = 10−15 ergs cm−3;
Bottom: PIGM = 10
−16 ergs cm−3
locities. The minimum wind velocity is independent of
wind model, whereas the central temperature is specific
to our wind model.
We also generated wind solutions using different halo
masses. Whereas the left panel of Figure 4 assumes a halo
mass Mh = 0, the right panel shows the best fit lines for
various halo masses. We can see immediately that the
added halo mass does not affect the model significantly.
The largest difference is that the trend for the 1013M
halo is shifted downward when compared to the model
without the halo. This implies that massive halo winds
need slightly higher central temperatures for the same
asymptotic wind velocity and mass-loading as non-halo
winds. One explanation for the minimal effect of the
added halo is that there is very little halo mass inside
the critical radius.
Now that we have addressed what input parameters
are needed to achieve certain velocities, we will address
the issue of CR diffusion back to the galaxy. The result-
ing shock positions for our sample of outflows are given
in Figure 5. As expected, the shock position, which is
effectively set by ρV 2shock = PIGM, is further from the
galaxy when more mass is loaded into the wind (greater
M˙) and when the shock velocity is higher. Implications
for diffusion are shown in Figure 6, which shows the max-
imum achievable CR energy compared to the minimum
energy required for CRs to diffuse back to the galaxy
given a = 0.4. In the bottom panel, winds for which
no CRs can diffuse back, i.e. for which the maximum
energy that can be achieved is less than the minimum
energy required to have RCR < 1, are plotted as gray
circles. Among the many wind solutions shown, only a
handful can produce CRs of any energy that can diffuse
back to the galaxy. Holding energy and velocity constant,
lower mass-loaded outflows shock closer to the galaxy, de-
creasing RCR. In the wind sample shown, only outflows
with M˙ . 5 yield RCR < 1. Although CRs of energies
between 1017 and 1018 eV will more easily diffuse back
for a given shock velocity, they can only be produced in
very high velocity shocks, which increases their chances
of being advected with the flow. The results shown here
seem to favor CR acceleration and subsequent diffusion
only for energies between the knee and 1017 eV and for
winds with preferentially low mass-loading factors and
velocities.
7. COSMIC RAY LUMINOSITY
In this section, we estimate the total CR production
from a spherical wind termination shock. We note that
ρV 3shock gives the energy flux of the shock, and we assume
that some fraction, η, of that energy will be given to
CRs. Integrating over a spherical shell at radius Rshock,
the total luminosity of CRs produced at the termination
shock is
LCR = 4piηR
2
shockρV
3
shock ≈ ηM˙V 2shock (26)
The total CR luminosity for our sample of wind runs
is plotted in the top panel of Figure 7, assuming a tenth
of the shock energy is converted to CR energy, i.e. η =
0.1. For shock velocities greater than 1000 km/s, the
total CR luminosity can be as high as 1043 ergs/s for
highly mass-loaded outflows. This is ≈ 10 % of the Milky
Way luminosity, for comparison, suggesting that the re-
acceleration of adiabatically expanded CRs at galactic
wind termination shocks could be a significant source of
energy flux into the IGM. This luminosity, however, is
the total luminosity in CRs, most of which are advected
away with the flow. To estimate the luminosity of only
the CRs that diffuse back to the galaxy, we assume the
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Figure 4. Left: Plot of asymptotic wind velocity vs. central temperature vs. mass-loading in solar masses per year for a set of wind
solutions from a 109M galaxy. At low temperatures (low initial thermal energy budget), highly mass-loaded outflows are affected by
radiative losses, resulting in higher initial temperatures needed to drive an outflow of a certain velocity. At high temperatures (high initial
energy budget), winds are blown out at high velocities with gravity and radiative losses both playing a negligible role. At these high
velocities, there is very little dependence of velocity on M˙ . The function Vshock(km/s) = 0.129T
0.527
0 (K) is a best fit to the M˙ < 2 winds
and is plotted to show the dependence at high velocities. Right: Best fit lines for same wind model runs but with halo masses of 1011M
and 1013M and corresponding values of 6 kpc and 25 kpc, respectively, for the scale length of the halos. Halo mass seems to have only a
small effect on the wind dynamics, especially for winds with high velocities.
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Figure 5. Varying M˙ and T0 (effectively varying Vshock), we plot the shock position for a number of wind models run. Shocks occur close
to the galaxy when the wind velocity and M˙ are both low, as can be explicitly seen in Equation (9)
CR spectrum follows a power law from E0 = 1 GeV to
Emax with the normalization of the total CR flux given
by Kp.
ηρV 3shock = Kp
∫ Emax
E0
( E
E0
)−p
EdE (27)
Carrying out the integral and assuming Emax is much
greater than E0 (effectively taking Emax to be infinite),
we find
Kp =
ηρshockV
3
shock
(p− 2)(E2−p0 )
ergs−1cm−2s−1 (28)
Because we are only considering CRs for whichRCR < 1,
we now define Ap as the normalization of the CR spec-
trum for energies only above Emin. Then
Ap
Kp
=
(E2−pmin
E2−p0
)
(29)
This represents the fraction of CR luminosity in just the
CRs that can diffuse back to the galaxy. The bottom
panel of Figure 7 uses this fraction to obtain the lumi-
nosity of inward diffusing CRs for each solution to our
wind model. These estimates assume a = 0.4 and the
spectral slope p = 2.2. The fractions given by Equation
(29) are typically on the order of 10−1 − 10−3, resulting
in luminosities of 1037 − 1039 ergs/s.
Cosmic ray interactions with circumgalactic gas can
also produce gamma rays and neutrinos. Feldmann et al.
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Figure 6. Top: The minimum energy required for CRs to diffuse back to the galaxy, assuming a = 0.4 in Equation (22). Middle: Maximum
energy of CRs accelerated by wind termination shocks after tacc = 100 Myrs. Bottom: The maximum energy of accelerated CRs, but only
those CRs that are also able to diffuse back. If the maximum energy that can be achieved is less than the minimum energy required to
have RCR < 1, then no CRs of any energy generated by those shocks will be able to diffuse back to the galaxy. These wind solutions are
shown as gray circles. The right panels show more explicitly the dependence on mass-loading. For winds with lower asymptotic velocities
and lower mass-loading, the minimum energy is lower, resulting in a higher fraction of CRs that can diffuse back to the galaxy.
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Figure 7. Top: Total CR luminosity for varying M˙ and T0 (effectively varying Vshock). For shocks with velocities greater than 1000 km/s,
the CR luminosity varies from 1041 − 1043 ergs/s. Bottom: Luminosity of just the CRs that may diffuse back to the galaxy, assuming
a = 0.4. Typically, the CRs that diffuse back account for a fraction of 10−3 − 10−1 of the total luminosity of shock accelerated CRs,
resulting in luminosities that range from 1037 − 1039 ergs/s.
(2013) estimate that these interactions in the Milky Way
as well as other galaxies can contribute significantly to
the observed isotropic gamma-ray background at ener-
gies above 1 GeV. Given the possibly large CR luminosi-
ties of termination shock accelerated CRs, it is worth cal-
culating the gamma-ray and neutrino luminosities due to
shock accelerated CRs in our wind models. A rigorous
treatment of this will be the subject of future work.
7.1. Estimates for the Milky Way Wind
Equations (21) and (23) can be applied to any wind
model to estimate the cosmic ray production at the wind
termination shock. Here, we do a short analysis of CR
production due to the Milky Way wind using the re-
sults of Everett et al. (2010). This paper fits the hy-
brid cosmic ray - thermally driven model of Everett et al.
(2008) to the observed radio synchrotron and X-ray emis-
sion of the Milky Way wind to obtain the important
wind parameters at various heights above the galactic
disk. It should be noted that the Everett et al. (2008)
model is not spherically symmetric. By construction, the
wind flows through vertical tubes near the disk; how-
ever, these tubes open up at large radii, possibly giving
the wind a more spherically symmetric profile far from
the disk. The best fit parameters lead to Vwind ≈ 600
km/s and n ≈ 10−3cm−3 at r = 10 kpc. Assuming
the wind evolves adiabatically in absence of radiative
losses that are negligible at such low densities, we es-
timate that Rshock ≈ 260 kpc for a surrounding pressure
of PIGM = 10
−14 ergs cm−3. Using Equation (20), we
find that for protons, dE/dt = 6 × 10−2GeV/yr. For
an acceleration time of 100 Myrs, protons can then be
accelerated to Emax = 6 × 1015eV, not very high above
the knee. A longer acceleration time would of course
increase this energy, but with such a low wind velocity,
one would expect that accelerating protons all the way
to the ankle is virtually impossible. For a diffusion co-
efficient of D0 = 5 and a = 0.4, the minimum energy
for diffusion-dominated CRs is Emin ≈ 2.8 × 1016 eV,
greater than the maximum energy, meaning all CRs ac-
celerated by the Milky Way wind termination shock will
likely be advected away. Instead using a = 0.5, protons
of energy 6 × 1015 eV would have a good chance of dif-
fusing back to the galaxy, as the cosmic ray Reynolds
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number we defined would only be about RCR = 0.39 for
the shock velocity and radius derived above. In fact, the
minimum energy of diffusion-dominated CRs in this case
is Emin ≈ 9.2× 1014 eV.
Using M˙ ∼ 2M/yr, this Milky Way wind termina-
tion shock would optimistically produce a CR luminosity
of ηM˙V 2shock ≈ 4.5 × 1040 ergs/s, including advection-
dominated CRs. Assuming p = 2.2 for the CR spectrum
and using the minimum and maximum CR energies es-
timated above for a = 0.5, the fraction of CR luminos-
ity in inward diffusing CRs, given by Equation (29), is
≈ 0.02. Therefore, the luminosity of inward diffusing
CRs is LshockCR ≈ 9 × 1038 ergs/s. This is only a few
percent of the total CR luminosity in the Milky Way,
which is LMWCR ≈ 1041 ergs/s. LshockCR only accounts for
CRs with energies greater than Emin ≈ 9.2 × 1014 eV
though. Gaisser (2005) estimates that the total luminos-
ity of CRs with energies in the shin is roughly 2 × 1039
ergs/s. Therefore, our estimate for LshockCR is more sig-
nificant when considering just shin CRs; however, one
should note that a more realistic estimate would be a
fraction of this due to the Milky Way outflow being bi-
conical instead of spherically symmetric. LshockCR is also
very close to estimates of Taylor et al. (2014) of the CR
luminosity due to outflowing CRs in the galactic halo.
They estimate LhaloCR ≈ 1039 ergs/s. Therefore, we con-
clude that our simple treatment of CR production leads
to a possibly significant influx of shin CRs accelerated
by the Milky Way wind termination shock.
8. CONCLUSIONS
Suggestions that galactic wind termination shocks may
accelerate shin CRs are generally well-motivated. CRs
at these energies have gyroradii less than the typical dis-
tance to the termination shock, which is of order 100
kpc from the galaxy; prospects that this mechanism may
explain the observed distribution of CRs, taking into
account CR abundances, are good, though acceleration
from Wolf-Rayet stars may give even better fits to the
observed composition (Thoudam et al. (2016)); and as
in SNR shock fronts, magnetic field amplification could
play a role in setting the necessary conditions on either
side of the shock for efficient diffusive shock acceleration,
although saturation of these amplification mechanisms
is still not well understood. Advances in understanding
of galactic outflows, including mounting evidence that
winds are not in steady state for timescales of order a Gyr
but instead follow timescales similar to those of short,
intense episodes of star formation, points to the acceler-
ation time of winds as a possible limiting factor for CR
acceleration. Specifically, acceleration times on the order
of 100 Myrs, which is also more in-line with the timescale
of CR driven turbulent magnetic field amplification, ne-
cessitate wind velocities on the order of 2000 km/s to
achieve 1017 eV CRs. This depends on the pressure of
the surrounding IGM, which is uncertain.
In our simplified, spherically symmetric picture of out-
flows, low mass-loaded winds typically have the highest
velocities due to less-efficient radiative losses (BuZD16),
and the velocity is fairly well set by the central sound
speed, especially at high velocities. If conditions are cor-
rect, however, namely that wind velocities are greater
than ≈ 700 km/s for an IGM pressure of 10−14 ergs
cm−3, then CRs of order 1015 − 1016 eV may be acceler-
ated by termination shocks over a reasonable time of 100
Myrs. Table 1 in the Appendix shows model-independent
wind velocities required to achieve various CR energies
for varying acceleration times, as well as central temper-
ature requirements specific to our model. We caution
that an acceleration time of 1 Gyr is included for com-
pleteness; however, it is unlikely that strong outflows last
for that long.
Shin CRs accelerated by termination shocks might also
be quite luminous, as shown in Figure 7 where 1042−1043
ergs/s, i.e. 1 - 10 % of the Milky Way luminosity, is not
out of the question. The luminosity of CRs that can
diffuse back to the galaxy is a few orders of magnitude
lower, as only a small fraction of CRs can overcome ad-
vection with the outflow. For the Milky Way, this lumi-
nosity of ≈ 9 × 1038 ergs/s is possibly significant as we
estimate it to be on the order of the total luminosity of
observed shin CRs, but it is still orders of magnitude be-
low the total observed CR luminosity of the Milky Way,
which is ∼ 1041 ergs/s.
Although wind velocities greater than 2000 km/s are
theoretically possible in our model of thermally driven
outflows, these values are quite high compared to those
from observed stellar driven outflows. A few outflows
on this order have been observed, however. X-ray fits
suggest that the outflow of M82 has high terminal wind
speeds of ≈ 1400 − 2200 km/s (Strickland & Heckman
(2009)). Similarly, Diamond-Stanic et al. (2012) find
outflows from compact, massive galaxies with velocities
> 1000 km/s without the need for AGN feedback to ex-
plain the observations.
The high thermal energy budget required to achieve
2000 km/s outflows suggests that galactic wind termi-
nation shocks, as presented here, may not be able to
accelerate CRs past ≈ 1017 eV. Interestingly, recent ob-
servations by IceTop have found another “bump” in the
CR energy spectrum near 1017 eV (Aartsen et al. (2013))
coinciding also with a change in CR composition. This
is possibly suggestive of a change in acceleration mech-
anism. We can boldly speculate that this corresponds
to the energy cutoff of CRs accelerated by termination
shocks, but more work will need to be done before such
claims can be made.
Given constraints on the acceleration time and the high
requirements for wind velocity, alternative, non-steady-
state methods may be better-suited for explaining CRs
at the high energy end of the shin. Specifically, Dorfi
& Breitschwerdt (2012) suggest a pumping mechanism
where time-varying galactic outflows pump energy into
shocks that can then accelerate CRs. As opposed to a
steady state model, this pumping mechanism could fol-
low periodic bursts of star formation, possibly sustaining
shocks for longer times. It is also attractive that these
shocks could occur closer to the disk than a termination
shock, making it more possible that the accelerated CRs
can diffuse back to the galaxy. Another suggestion is
that CRs could be re-accelerated by spiral shocks in the
galaxy (Vo¨lk & Zirakashvili (2004)). These shocks can
occur within 60 - 100 kpc of the galactic disk, which is
favorable for diffusion back to the galactic disk. Assum-
ing the shocks are long-lasting, the maximum energy of
re-accelerated CRs can be determined by the condition
DB ≈ VshockRshock where DB = Vshockrg/3 is the Bohm
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diffusion coefficient for particles with gyroradius rg. As-
suming an Archimedean spiral magnetic field at large
distances, the estimated maximum CR energy is well
beyond the knee; however, the lifetime of spiral shocks
seems unknown.
It should be stressed that the model-independent anal-
ysis in this paper is not limited to studies of just galactic
wind termination shocks. The shocks created by the ex-
panding “cocoons” around AGN present very similar se-
tups to that of galactic wind termination shocks. Given
the massive amounts of energy in AGN driven outflows,
these shocks could satisfy the high velocity requirements
required for CR acceleration to ultra-high energies be-
yond the ankle. Wang & Loeb (2016) estimate that
non-relativistic quasar outflows can accelerate protons
to ≈ 1020 eV using similar assumptions as in this paper.
Further analysis of shock conditions and CR acceleration
from AGN driven outflows is left to future work.
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APPENDIX
tacc = 10 Myrs ECR Minimum Vwind Minimum T0
1015 eV 774 km/s 1.5× 107 K
1016 eV 2440 km/s 1.4× 108 K
1017 eV 7740 km/s 1.2× 109 K
1018 eV 24400 km/s 1.1× 1010 K
tacc = 100 Myrs ECR Minimum Vwind Minimum T0
1015 eV 244 km/s 1.7× 106 K
1016 eV 774 km/s 1.5× 107 K
1017 eV 2440 km/s 1.4× 108 K
1018 eV 7740 km/s 1.2× 109 K
tacc = 1 Gyr ECR Minimum Vwind Minimum T0
1015 eV 77 km/s 1.9× 105 K
1016 eV 244 km/s 1.7× 106 K
1017 eV 774 km/s 1.5× 107 K
1018 eV 2440 km/s 1.4× 108 K
Table 1
Target CR energies and estimates of the minimum wind velocity and minimum central temperature required to achieve those energies.
The minimum wind velocity is derived for PIGM = 10
−14 ergs cm−3 by assuming an equipartition magnetic field and using the maximum
acceleration rate obtained by Lagage & Cesarsky (1983), which assumes Bohm diffusion at the shock. This information is independent of
our wind model. The minimum central temperature, T0, is gathered from the best fit line of Figure 4 for a desired asymptotic velocity.
